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Abstract
We investigate the formation of protoplanetary disks around nine solar mass stars formed in the context of a
(40 pc)3 Giant Molecular Cloud model, using ramses adaptive-mesh refinement simulations extending over a
scale range of about 4 million, from an outer scale of 40 pc down to cell sizes of 2 AU. Our most important
result is that the accretion process is heterogeneous in multiple ways; in time, in space, and among protostars
of otherwise similar mass. Accretion is heterogeneous in time, in the sense that accretion rates vary during the
evolution, with generally decreasing profiles, whose slopes vary over a wide range, and where accretion can
increase again if a protostar enters a region with increased density and low speed. Accretion is heterogeneous
in space, because of the mass distribution, with mass approaching the accreting star-disk system in filaments
and sheets. Finally, accretion is heterogeneous among stars, since the detailed conditions and dynamics in the
neighborhood of each star can vary widely. We also investigate the sensitivity of disk formation to physical
conditions, and test their robustness by varying numerical parameters. We find that disk formation is robust
even when choosing the least favorable sink particle parameters, and that turbulence cascading from larger
scales is a decisive factor in disk formation. We also investigate the transport of angular momentum, finding
that the net inward mechanical transport is compensated for mainly by an outward directed magnetic transport,
with a contribution from gravitational torques usually subordinate to the magnetic transport.
Keywords: star formation – protoplanetary disk formation – adaptive mesh refinement
1. INTRODUCTION
Since the first observations of exoplanets (Wolszczan &
Frail 1992; Mayor & Queloz 1995) interest in modeling planet
formation has grown enormously. All planets in the solar sys-
tem and the majority of detected exoplanets move in nearly
co-planar orbits, consistent with planets forming in circum-
stellar disks, and these disks are therefore commonly referred
to as protoplanetary disks.
Observations of disks around young stellar objects strongly
indicate that protoplanetary disks are connected to the early
formation phase of the host star, where vigorous accretion
from a thick envelope is controlling the dynamics of the disk-
star system. Hence, protoplanetary disk should ideally be
modeled in the context of star formation. Existing models
typically start from more or less idealized initial conditions,
often in the form of a spherical stellar core with a Bonnor-
Ebert like profile, and follow the collapse during star- and pro-
toplanetary disk formation (Machida et al. 2004, 2006, 2007;
Machida & Matsumoto 2011; Joos et al. 2012, 2013; Tomida
et al. 2010, 2013; Li et al. 2011; Seifried et al. 2011, 2012;
Krumholz et al. 2013; Myers et al. 2013; Bate et al. 2014;
Padoan et al. 2016). Although these cloud collapse models
are useful to study specific cases of star- and protoplanetary
disk formation, they neglect the influence of the stellar envi-
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ronment. In fact, stars preferentially form due to the collapse
of pre-stellar cores in filamentary structures of Giant Molec-
ular Clouds (GMCs) (Blitz 1993), and as illustrated by the
recent simulations of Padoan et al. (2014), the accretion rates
are in general heavily influenced by external factors, resulting
in formation times that can vary with an order of magnitude
or more for similar mass stars. Therefore, modeling star for-
mation under idealized assumptions, with isolated boundary
and initial conditions, is an oversimplification.
In this paper we present a fundamentally different approach
to modeling star and protoplanetary disk formation, account-
ing for the influence of the environment ab initio. In order to
avoid the dependency of strongly idealized initial and bound-
ary conditions, we start from GMC scales and follow the pro-
cess of individual star formation and protoplanetary disk for-
mation down to scales of 2 AU, properly anchoring the forma-
tion of individual stars in the larger GMC context. We model
the GMC in a cubic box of size (40 pc)3, with a total mass
of ≈ 105 M. This is motivated by observations by for ex-
ample Murray (2011), who found GMCs ranging between 5
to 200 pc in size, with masses from 103 to 107 M. Realis-
tic turbulence in our GMC model is driven by feedback from
supernovae, which are evolved self-consistently by allowing
massive sink-particles to explode and enrich the surrounding
medium. The numerical method and the model is discussed
in Section 2. In Section 3 we present the stellar accretion and
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2disk formation processes, as obtained by our simulations. In
Section 4 we discuss the results. Finally, we summarize in
Section 5.
2. METHODS
In this section we describe the setup of our zoom simu-
lations, with focus on the refinement and accretion criteria,
since these are the key technical parameters of our model.
Further descriptions of the implementations of sink particles
can be found in Padoan et al. (2014) and in Kuffmeier et al.
(2016). Our approach is feasible due to extensive application
of adaptive mesh refinement (AMR), using a heavily modi-
fied version of the ramses code (Teyssier 2002; Fromang et al.
2006), which can handle up to 29 levels of refinement relative
to the box size (Nordlund et al. 2014). In Fig. 1, we sketch
the procedure for our simulations.
4 Myr0 Myr
100 kyr0 kyr
maximum level of refinement 16; 
minimum cell size ~126 AU
maximum level of refinement 22; 
minimum cell size ~2 AU~4 kAU
40 pc 40 pc
~100 AU
Figure 1. Sketch of the zoom-in procedure. First we evolve a snapshot
adopted from a previous simulation of a GMC of (40 pc)3 in size (upper left
image) for about 4 Myr (upper right image). During the evolution multi-
ple sinks are created; at the current time more than 500 stars have formed,
and several supernovae have exploded. We zoom in on selected 1-2 solar
mass pre-stellar cores (lower left image) to resolve the formation process
with higher resolution for up to about 100 kyr after sink creation (lower right
image). This procedure is applied to altogether nine protostars.
2.1. Evolving the initial conditions
The starting point of the entire simulation is a GMC model,
which is represented in ramses by a cubic box of size (40 pc)3,
with periodic boundary conditions. The box is filled with
a self-gravitating, magnetized gas. The average H2 number
density is initially 30 cm−3, corresponding to a total mass in
the box of approximately 105M. The initial magnetic field
strength is 3.5 µG. Initially, the box was evolved with driven
turbulence and star cluster particles, including supernovae, us-
ing the unigrid MHD stagger code (Kritsuk et al. 2011). After
an initial period of burn-in, a snapshot was restarted with ram-
ses, and refinement added (cf. Vasileiadis et al. 2013). Poten-
tially a real GMC fragment might be broken up by supernovae
explosions or other forms of feedback. In the experiment,
this is prevented by the periodic boundary conditions, which
can be interpreted as corresponding to embedment in a simi-
lar or larger amount of nearby gas. The assumed GMC life-
times are in agreement with the ’star formation in a crossing
time’ paradigm (Elmegreen 2000; Elmegreen & Shadmehri
2003), with recent numerical modeling (Padoan et al. 2016),
and with observational estimates (Murray 2011). To initialize
a turbulent state solenoidal forcing in a shell of wave num-
bers in the range of 1/L ≤ k/2pi ≤ 2/L was initially applied
(Padoan & Nordlund 2002), but this forcing was turned off
when sufficient forcing from exploding supernovae had devel-
oped; no artificial forcing was active during the time interval
reported on here. The induced velocity dispersion of the cold
and dense medium is consistent with Larson’s velocity law
(Larson 1969, 1981)
σu ∝ 1.2L0.4 (1)
with σu being the velocity dispersion in km s−1 and L the
size in pc. In reference to the recipe of (Franco & Cox
1986) for heating due to UV-photons (Osterbrock & Ferland
2006) heating is quenched in dense gas, and by using an op-
tically thin cooling function motivated by Gnedin & Hollon
(2012) the heating and cooling processes are otherwise mod-
eled schematically as optically thin.
Based on lifetimes interpolated from Schaller et al. (1992),
the evolution of stars with more than 8M is followed un-
til they explode as core-collapse supernovae. According to
observations (Richardson et al. 2002) supernovae release ap-
proximately 1 foe, corresponding to 1051 erg of thermal en-
ergy. The integrated energy yields from the stellar winds are
expected to be smaller, and we therefore omit their modeling
(modeling winds from especially early type stars in the cur-
rent connection would also be extremely costly with current
computer codes, since the time step must be kept correspond-
ingly short in the entire model, forcing reduced spatial resolu-
tion and / or other compromises in other parts of the model).
Initial temperatures of supernovae are of the order of 108 K
and they expand with initial velocities of the order of 1000
to 3000 km s−1, thus requiring calculations with time steps
of only a few weeks for a brief period after each supernova
explosion.
2.2. Zoom-in procedure
# of
sink
∆xmin
in AU
tbirth
in kyr
x
in pc
y
in pc
z
in pc
tacc
in kyr
msink
in M
1 2 631 33.2 30.8 7.8 200 1.5
2 2 667 13.5 27.4 25.6 200 1.3
3 8 2212 37.9 27.3 33.0 1000 1.9
4 2 2471 3.2 9.2 3.2 700 1.4
5 2 2576 3.5 8.9 2.6 700 1.6
6 2 2653 10.2 12.3 3.4 600 1.3
7 2 3157 9.3 12.0 32.3 600 1.7
8 2/8 3271 26.1 29.3 2.6 >600 2
9 2 3389 3.3 4.6 2.2 500 1.5
Table 1
Overview of the nine sinks selected for zoom-in. First column: number of
sink, second column: cell size at the highest resolution, third column: time
of creation of the sink in the parental run, fourth to sixth column: x, y and
z-coordinate of the sink at the time of creation, seventh column: accretion
time in the parental run, and eighth column: final mass in the parental run.
Star 8 has been resolved with a minimum cell size of 2 AU for the first
approximately 15 kyr, before reducing the resolution to 8 AU.
During the evolution of the GMC with ramses, structures of
high density form as a consequence of convergent flows and
compression due to shocks in cold dense molecular clouds,
which are characterized by super-sonic turbulence. If the
compression is sufficient, self-gravity overcomes opposing
pressure forces, resulting in collapse. When the gas density
exceeds a critical value, well above the densities reached by
turbulence alone, and conditions fulfill additional criteria such
as convergence of flow, local potential minimum, etc (see
e.g. Padoan et al. 2014, for details), the collapsing mass is
transferred to a so called sink particle. The sink particle rep-
resents a star, which only influences the environment through
its gravity and by accreting surrounding gas.
The analysis of star formation and protoplanetary disk for-
mation around single stars with ramses is performed in two
3steps, using adaptive mesh refinement on top of a uniform
grid with 1283 cells (corresponding to 7 levels). First, star
formation is followed during 4 Myr of evolution, with 9 levels
of refinement. I.e. the highest level of refinement is ` = 16,
corresponding to a dynamic range of 216 relative to the en-
tire box size of (40 pc)3. The minimum cell size is thus
∆xmin = 2−` × 40 pc ≈ 126 AU.
In the next step, the environment of a single sink with a final
mass of 1 to 2 M is followed in more detail, by zooming in on
the particular object with an increased maximum refinement
level of ` = 22, corresponding to a minimum cell size of ≈ 2
AU, and by introducing an accordingly higher time cadence of
output from the simulation (in the following called snapshots).
The cadence is chosen to lie in the range 0.1 to 0.5 kyr. This
second stage is the key aspect of this study, given that it pro-
vides information about protostellar accretion, including the
subsequent formation of protoplanetary disks. To minimize
numerical diffusion, and to simplify subsequent analysis, we
perform velocity transformations that keep the chosen sink
particle stationary in the models frame of reference during
the second simulation step. To avoid any tendency of coarse
grid imprint on smaller scales that a sudden increase in res-
olution might have on an already initiated collapse, we start
the zoom-in simulations at a time shortly before the sink par-
ticle formed in the parental run. We also allow the adaptive
mesh refinement to adjust continuously and the AMR levels
to appear sequentially according to the developing collapse.
In total, we follow the evolution of the environment of nine
sinks with higher resolution. In Table 1, we show the proper-
ties of the selected sinks. We refine cells if they fulfill certain
criteria, e.g. on mass density and distance from the sink par-
ticle. When the protostellar system evolves most of the mass
in the initial pre-stellar core is consumed by the star, and the
average density in the remaining envelope thus decreases. To
maintain sufficient resolution in the inner part of the system
of the order of 106 cells on highest level of refinement, we
slowly change the density refinement ladder during the run.
We illustrate the resulting distribution of cells refined to the
highest level for the different sinks in Fig. 2. For a more de-
tailed description of the refinement strategy, please see the
appendix.
3. RESULTS
In this section, we present and discuss the influence of the
large-scale environment on the evolution of solar mass sinks.
3.1. Structure of Stellar Environments
To illustrate the structure around the different sinks in de-
tail, we plot the density distribution in the three different
planes of the coordinate system, together with the velocity
field, in rectangular slices of size l =50 kAU in Fig. 3. The
slices illustrate the shape of the pre-stellar cores and their en-
vironments at the time of sink creation. At large distances
from the sink (beyond ≈ 10 kAU), the slices show very low
densities — less than 10−21 g/cm−3 for sink 1 and 2. Espe-
cially compared to sinks 4 to 9, the density is distributed more
homogeneously around sinks 1 and 2 than for the other sinks,
where the pre-stellar cores are more perturbed. In contrast
to what is assumed in many local molecular cloud collapse
models, none of the pre-stellar cores appear as even roughly
spherically symmetric. The core around sink 1 is closest to
resembling a classical pre-stellar core, flattened due to the un-
derlying magnetic field (Allen et al. 2003). However, even in
0 20 40 60 80 100
Time in kyr
0.5
1.0
1.5
2.0
2.5
3.0
N
r
of
ce
lls
re
fin
ed
to
le
ve
l
22
×106
Figure 2. Distribution of number of cells that are refined to level 22 (cor-
responding to a cell size of ≈ 2 AU). Blue dots correspond to sink 1, green
triangles to sink 2, green dots to sink 3, red triangles to sink 4, cyan squares
to sink 5, magenta asterisks to sink 6, yellow pluses to sink 7, black crosses
to sink 8 and blue diamonds to sink 9. The colored tick marks on the x-
axes show the time, when the refinement ladder was changed. Tick marks on
lower axis: Blue corresponds to sink 1, cyan to sink 5 and black to sink 8.
Tick marks on the upper axis: red to sink 4, magenta to sink 6, yellow to sink
7, blue to sink 9.
the least disturbed cases the cores show strong velocity differ-
ences with respect to their low density environment. More-
over, some of the sinks appear to be at the end-points of fila-
mentary arms about ∼100 AU to ∼1000 AU in widths, which
reach out to distances beyond several tens of kAU (cf. sink 2,
3, 4, 5, 6, 7 and 8 in xy-plane; 4, 5, 6 and 8 in xz-plane as
well as 4, 5 and 9 in yz-plane). This may be related to the
gravitational collapse, which tends to concentrate mass at the
end of filaments (Seifried & Walch 2015).
In Fig. 4 we show the density distribution (average densi-
ties in spherical shells) in the radial direction for the snapshots
closest to (generally within a few hundred years of) sink cre-
ation. We can see that depending on the sink, the densities
can vary by several orders of magnitudes at distances beyond
103 AU to 104 AU. For comparison, we also plot the density
profile of a singular isothermal sphere (SIS)
ρSIS =
σ2v
2piGr2
. (2)
The averaged density profiles do not differ dramatically
from a spherical isothermal Bonnor-Ebert density profile with
ρ ∝ r−2 and a central flat core. Although the azimuthally aver-
aged density profiles around different protostars may be sim-
ilar, taking into account the perturbations of and around the
pre-stellar cores (Fig. 3), the actual stellar environment can
nonetheless be significantly different due to the filamentary
structure. The densities at larger distances from sink 1 and
2 are lower than 10−21 g cm−3, whereas the other sinks show
higher densities beyond distances of about 104 AU. At radii
smaller than ≈ 103 AU the sinks have a similar generic profile,
with a flat density distribution close to the sink that decreases
beyond a certain radius. We require a threshold value for the
density to trigger sink creation, which corresponds to having
the Jeans length resolved by a number of cells at the highest
level of refinement. Therefore the inner flat core in the profile
is approximately at the same level of several 10−15 g cm−3 just
after sink formation for all sinks, except for sink 4, where we
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Figure 3. Density distribution in the xy-plane around nine sinks evolving to masses in-between 1 to 2 M. The black arrows indicate the orientation and strength
of the velocity field in the plane.
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Figure 4. Radial density profile for the gas around nine sinks in our sim-
ulation, at times within a few hundred years of sink creation. Blue solid
corresponds to sink 1, green dash-dot to sink 2, green dash-dash to sink 3,
red dash-dot to sink 4, cyan dot-dot to sink 5, magenta dot-dot to sink 6, yel-
low solid to sink 7, black dash-dash to sink 8 and blue dash-dot to sink 9.
The black solid line between 300 and 3000 AU indicates a ρ ∝ r−2 profile
corresponding to a hypothetical spherical, isothermal density profile.
required slightly different conditions for sink creation, namely
a higher threshold density, corresponding to 25 instead of 50
cells per Jeans length. By using our method of sink creation,
the lower the maximum level of refinement, the earlier the
sink forms. Therefore, the time of sink creation forestalls the
actual birth of the protostar (with an amount of time similar to
the free-fall time at the central densities, which is < 1000 yr).
Such a time delay is short compared to the evolution around
young protostars for time intervals of the order of 100 kyr, and
therefore negligible.
3.2. Accretion profiles
In this section, we investigate the evolution of the sinks for
the first 1 Myr, based on the parental run, before we focus
on the zoom-ins for a more detailed study of their evolution
during the first 100 kyr.
3.2.1. Following the evolution during the first 1 Myr at low
resolution
Figure 5 shows the mass accretion and the corresponding
accretion rates for the different sinks. Intentionally, we select
sinks that accrete to masses higher than 1 M to constrain the
formation of a solar-mass star. The selected sinks are repre-
sentative for stars that accrete to about 1 M, because in the
low resolution step we neither resolve mass outflows around
the sinks, nor do we artificially remove a certain fraction of
the accreting mass. Taking into account that protostellar mass
loss is expected to be about 50 % of the accreted mass (Zanni
et al. 2007), the mass range is appropriate for our purposes.
Given that we use an output cadence of 50 kyr in the low-
resolution parental run, we can only roughly estimate the ac-
cretion onto the sink, but it is striking that the sinks accrete
their masses on very different time-scales. While sink 1 and
2 accrete most of their mass within only about 100 kyr, some
other sinks accrete only a fraction of the mass that they have
after 1 Myr in that time, and in some cases undergo long pe-
riods with accretion rates exceeding 10−6 M/yr at times later
than 800 kyr after sink creation. Considering the different ac-
cretion profiles together with the fact that some of the selected
sinks have only evolved for less than 1 Myr in the parental
run, we are aware that some of the sinks have not yet finished
their accretion process or may be fed at later times after quiet
periods with in-falling mass from large scales.
Comparing the different accretion profiles in the context
of the stellar environment, we conclude that more isolated,
less distorted pre-stellar cores (star 1 and 2) correlate with a
shorter accretion time of the protostar. Essentially, they con-
sume the gas reservoir of their pre-stellar core, and the ac-
cretion process stops. This is in accordance with a classical
picture of star formation from spherically symmetric isolated
pre-stellar cores. The differences in duration of the accretion
process are a consequence of the spatial extent of the pre-
stellar core or its possible feeding filament(s). Taking into
account that the free-fall time scales as tff ∝ R3/2, infalling
mass located at larger distances from the sink accretes later
onto the sink. As seen in Fig. 3, several pre-stellar cores
are strongly perturbed, and many sinks lie along filaments of
gas that extend to distances beyond 104 AU from the sink.
These filaments can feed the sink during its accretion phase
with material initially located far away from the sink, thus
prolonging the accretion time scale compared to the classi-
cal scenario of a collapsing Bonnor-Ebert sphere of about 104
AU in size — even though the collapsing cores may in fact ini-
tially be smaller. As pointed out by Padoan et al. (2014), mass
clumps at distances beyond 104 AU may eventually fall onto
the system and thus cause accretion bursts, which potentially
5explain the luminosity problem observed for YSOs (Kenyon
et al. 1990). We investigate the effect of the accretion profiles
on the stellar evolution including a detailed comparison with
observations in a follow-up paper.
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Figure 5. Accretion profiles (top) and mass evolution (bottom) of the nine
sinks that are selected for zoom-ins during the first 1 Myr after sink creation.
Blue dots correspond to sink 1, green triangles to sink 2, green dots to sink
3, red triangles to sink 4, cyan squares to sink 5, magenta asterisks to sink 6,
yellow pluses to sink 7, black crosses to sink 8 and blue diamonds to sink 9.
3.2.2. Accretion during the first 100 kyr of evolution
Fig. 6 shows the evolution of the accretion rates during the
first 100 kyr based on the zoom simulations. We start by pre-
senting the similarities for the different sinks before we focus
on the differences in their accretion histories. All accretion
profiles quickly peak to values in the range of 3 × 10−5 M/yr
for sink 4 and 6 × 10−5 M/yr for sink 3, before the accretion
rates decrease during the subsequent evolution. The quick rise
within at most a few kyr seen for the sinks indicates the accu-
racy of the selected time of sink creation as discussed above.
The accretion rate peaks with a small offset after t=0, due to
the flat density profiles around the different sinks at the time
of their creation (Fig. 4).
After the initial peak, the accretion rates of the sinks de-
crease in ways that differ between individual sinks. Sink 1
(blue dots) shows the most consistent continuously decreas-
ing accretion rate, while other sinks settle to a nearly stable
average accretion rate or have only slowly decaying profiles,
after an initial drop in the rate. After 100 kyr, sink 1 has an ac-
cretion rate of only ∼ 10−7 M/yr, and is therefore transition-
0
Time after star formation in kyr
20 40 60 80 100
A
cc
re
ti
on
 r
at
e 
in
 M
y
r-
1
10 -4
10 -5
10 -6
10 -7
S
in
k
 m
as
s 
in
 M
0.8
0.7
0.6
0.5
0.4
0.3
0.2
0.1
Figure 6. Accretion profile (top) and sink mass evolution (bottom) for the
6 sinks created in zoom-ins started with increased resolution before sink cre-
ation. The symbols correspond to the same sinks as in Fig. 5.
ing to a state that observationally would be classified as either
Class I or early Class II. Sink 3 and sink 7 have very similar
profiles and, as for sink 1, they also show a continuously de-
creasing accretion rate. However, the change is more modest,
starting at peak values of about a few 10−5 M/yr. They still
show accretion rates of about 10−6 M/yr after t = 100 kyr.
Sink 7 also shows a drop in the accretion, from a peak value of
4×10−5 to about 6×10−6 M/yr at approximately 20 kyr after
sink creation. However, the accretion rate then only decreases
slightly, to a minimum of 3 × 10−6 M/yr after t = 75 kyr,
after which the accretion profile starts to rise again, to about
8 × 10−6 M/yr at the end of the simulation at t = 100 kyr.
Although we do not account for the later accretion profile of
sink 5 due to its shorter simulated evolution, we can see that
the profile is almost identical to the one for star 8 and also
similar to the evolution of sink 7 and sink 9. Such a period of
re-increasing accretion rate is also seen for sink 6 in the time
interval between t = 27 kyr and t = 62 kyr. The accretion
profiles for this sink as well as for sink 9 and (especially) for
sink 4 are more intermittent and episodic.
We caution the reader that we are generally underestimating
the amplitudes and extents of the bursts for two reasons. First,
even our highest resolution of 2 AU is coarse compared to the
actual size of a protostar, and second, the snapshot cadences
we used were at least 200 years, with the effect that shorter
bursts are often missed in this plot. Therefore, we postpone
a detailed analysis and comparison of the accretion histories
with observations to future work. Nevertheless, the fact that
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Figure 7. Hammer projection of the accretion at a radius of 50 AU from the sink at time t = 10 kyr for sinks 1, 2, 4, 5, 6, 7, 8 and 9 that were evolved with a
minimum cell size of 2 AU. The colors represent inflow and outward motion according to the color bar. In order to illustrate both positive and negative values,
we decided to use a linear range in-between ±10−13 M AU−2yr−1 and a logarithmic scale beyond.
some profiles show intermittent profiles may help to under-
stand observations such as the ones by Safron et al. (2015) of
a class 0 YSO (HOPS 383) with fluctuations of more than 30
in the mid-infrared. We stress that these early accretion bursts
that occur within a few tens of thousands of years after stel-
lar birth are different from the large scale in-falls, previously
suggested by (Padoan et al. 2014), explaining the luminosity
variations of class I YSOs.
Compared to the mass evolution of the sinks in the parental
run, the mass evolution of the sinks in the zoom runs show
significant differences. First of all the sinks accrete much
less mass than in the parental run, which is mainly a con-
sequence of the accretion efficiency parameter acc_eff be-
ing 0.5 instead of 1 as in the parental run. In retrospect,
a lower acc_eff could have been used also in the parental
run, to compensate for the missing outflow due to the unre-
solved winds and jets. Simply multiplying the sink mass in
the zoom runs according to our choice of the accretion ef-
ficiency by a factor of 2 is not sufficient, because a higher
acc_eff would cause a larger sink mass, and thus a deeper
gravitational potential. This would cause additional accretion,
as the sink would be able to gravitationally attract mass from
larger distances that is gravitationally unbound for a lower
sink mass. From smaller test runs evolved with both recipes
we have found that acc_eff=0.5 corresponds to reducing the
sink mass by 1/3 in an identical run with acc_eff=1. Sink
1 is the most massive of the plotted sinks after 100 kyr in the
parental run, and is almost three times as massive as sink 3,
and about twice as massive as sink 7 and 9, although it has
accreted less mass than these sinks in the zoom runs.
By tracing the history of the gas with tracer particles that
are passively advected with the gas motion, we showed in
Kuffmeier et al. (2016) that a small fraction of the gas located
within 100 AU from the protostar at time t after sink creation
was located beyond 104 AU at the time of sink creation. Given
that local core-collapse models usually use a homogeneous
mass distribution similar to the theoretical profile of a Bonnor-
Ebert sphere, we expect that the majority of low-mass sinks
accrete on time-scales that are longer than predicted by these
models. Furthermore, the diversity shows the limitations of
an isolated core collapse model as an initial condition, when
aiming to comprehend the entire process involved in sink cre-
ation, especially the occurrence of late mass infall through
filaments.
3.2.3. Diversity in the angular distribution of accretion
In contrast to the case of a non-magnetized, rotation-less
collapsing sphere, we find that the gas does not accrete uni-
formly. Instead, gas accretes along accretion channels and
accretion sheets, and some parts of the gas even flow in the
outward direction.
In Fig. 7 , we illustrate this spatial heterogeneity of the ac-
cretion process by showing the angular distribution of the ac-
cretion rates at a radius of 50 AU, 10 kyr after sink creation,
for sinks 1, 2, 4, 5, 6, 7, 8 and 9. In order to highlight the infall
and outward motion of material as well as the differences in
magnitude, we use a symmetric log color scale. That means
values between ±10−13 MAU−2 yr−1 are plotted according
to a linear color scale, while we use a logarithmic scale for
values below or above the threshold values. Furthermore, we
choose cut-off values of ±10−10 M AU−2 yr−1 to emphasize
that red corresponds to outward motion of gas and blue to in-
fall. When comparing the projections of the sinks with each
other, we find differences in the extent of the accretion chan-
nels and sheets as well as the amount of gas moving away
from the sink. Sink 5, 7 and 8 only show weak outward mo-
tions of gas in contrast to the other four sinks, where a signif-
icant surface area is dominated by the outward motion of gas.
In contrast to what is found in models of collapsing envelopes
with uniform density, we do not see a pure bipolar outflow
at 50 AU at this stage, and distribution of outflowing and in-
falling gas does not show a clear morphology. Nevertheless,
we occasionally see outward motions approximately perpen-
dicular to the disk plane with speeds similar to the Kepler
speed at distances of a few AU. These speeds are consistent
with magnetocentrifugally driven winds launched on scales of
our highest resolution of 2 AU.
The strength of the magnetic fields around the protostar
is probably overestimated in our models due to the absence
of non-ideal MHD effects (Krasnopolsky et al. 2010; Li
et al. 2011; Krasnopolsky et al. 2011; Wurster et al. 2016;
Tsukamoto et al. 2015; Hennebelle et al. 2016), and a signif-
icant part of the gas initially moving outward may be caused
by magnetic interchange instabilities that occur because of
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high magnetic pressure close to the protostar, resulting in the
emergence of strong and expanding magnetic loops (Li et al.
2014). Considering the high densities at the center, we ex-
pect Ohmic dissipation to have the strongest effect in reducing
the field strength. Nevertheless we speculate that a build-up
of high magnetic pressure, such as seen in our simulations,
might occur also to some extent during the real formation
phase of protostars. Other groups carrying out ideal MHD
simulations of a local cloud collapse see this effect as well for
their turbulence-free simulations (Seifried et al. 2011; Joos
et al. 2012). Seifried et al. (2013) do not detect the occur-
rence of the magnetic interchange instability, when including
turbulence in their simulations. We think that the instability
does not occur in their case because the resolution is lower
than in our study (8 AU compared to 2 AU in our simula-
tions). The lower resolution has the effect that the magnetic
pressure does not pile up as much as seen in our case. Recent
simulations by Masson et al. (2016), accounting for dissipa-
tion effects from ambipolar diffusion and Ohmic resistivity,
show that non-ideal effects can circumvent the occurrence of
the magnetic interchange instability. However, the strengths
of the non-ideal MHD coefficients depend on the degree of
ionization of the gas, which may be highly variable between
protostars for several reasons. First, the efficiency of shield-
ing by dust depends crucially on how the dust is distributed
in space. In cases where the dust distribution is very filamen-
tary, with region in-between with much lower dust densities,
the effective absorption will be much less than if the distribu-
tion were uniform. Secondly, we point out that the efficiency
of shielding even for a uniform dust-to-gas ratio strongly de-
pends on the grain size distribution. Moreover, the cosmic ray
intensity may depend on the location (Padovani et al. 2009,
2013, 2014), e.g. because of ‘magnetic bottle’ effects, and be-
cause of the distance in space-time from acceleration regions
such as SN shock fronts. Finally, if the cosmic ray inten-
sity is efficiently reduced in dense regions, the main ionization
source becomes short-lived radionuclide 26Al (Umebayashi &
Nakano 2009; Cleeves et al. 2014; Tomida et al. 2015), and
given that the abundance of 26Al can differ among stars by
orders of magnitude (Vasileiadis et al. 2013), this can also
contribute significantly to variations of the ionization degree
in space and time.
In the case of sink 7 we find that, even at t = 75 kyr, the gas
falls towards the sink through sheets from all spatial direc-
tions. However, the infall rates relax to more modest values
and accretion appears to happen mainly through two sheets
with a small distance from each other at t = 100 kyr. In con-
trast, the Hammer-projections for sink 6 (not shown) show
slightly broader sheets, with higher accretion rates as well as
a significant contribution of gas moving in the outward direc-
tion. We point out that the enhanced infall rates for sink 6
are not surprising, taking into account that the density over
several hundred AU in the xy-plane from the sink is enhanced
by up to a factor of 10 (Fig. 4) at the time of stellar birth,
while the density is about the same or only slightly higher
in the other coordinate-axis planes. Consequently, there is
more mass available that can accrete onto the star-disk sys-
tem. Nevertheless, the pure difference in the absolute amount
of mass cannot account for the significant outward motions
observed for sink 4 compared to the nearly pure infall mor-
phology around sink 7.
3.3. Disk formation and evolution
An increasing number of observations of class 0 objects re-
veal the existence of circumstellar disks in the midst of their
formation process. They are not perfectly symmetric and their
profiles differ from static thin standard accretion disks (van
der Marel et al. 2013). Due to the violent processes during
protostar formation, the identification of a disk depends on
the definition of the term disk. The fundamental property that
causes disk formation is the conservation of angular momen-
tum during the infall, which determines the size of the disk.
The left panel of Figure 8 shows the average specific angular
momenta in the stellar surroundings of the nine sinks close
to their individual t = 0. For a one solar mass star, the spe-
cific angular momentum at 1 AU is about 4.51019 cm2 s−1,
and the plot illustrates that at this time the average specific
angular momentum of essentially all mass inside about 1000
AU has low enough angular momentum to reach orbits in-
side 1 AU. Remarkably, the distribution over radius is simi-
lar for all sinks, scaling roughly linearly with radius. Since
we are resolving each level of the refinement ladder with a
large number of cells, and we have of the order of 50 cells per
Jeans’ length, it is unlikely that this scaling is significantly
influenced by numerical resolution effects.
To compare the evolution of the level of rotation around
the different sinks in our simulation, we plot the sum of the
specific angular momentum of the gas within a distance of
100(1000,104) AU in the right panels of Fig. 8.
All sinks show an increase of specific angular momentum
in their vicinity during the evolution. However, the strength
of rotation and the rate at which the rotation increases differs
from sink to sink. Comparing the evolution of the specific
angular momentum within 100 AU with the accretion profile
(upper panel in Fig. 6) shows similarities. The accretion pro-
file of sink 1 drops very quickly, as does the amount of spe-
cific angular momentum within 100 AU. The specific angular
momentum around sink 1 peaks at a value of about 5 × 1018
cm2s−1 at t ≈ 10 kyr and then drops below 1017 cm2s−1 after
t ≈ 100 kyr. In contrast, sink 8 has a much flatter accretion
8Figure 9. Evolution of the α angle for four spheres of radii 50 AU, 100 AU, 300 AU and 1000 AU. The symbols belong to the same sinks as in Fig. 5.
profile and the specific angular momentum within 100 AU is
roughly constant of the order of 1019 cm2s−1 since t ≈ 40 kyr.
Also, the initial strength of specific angular momentum at dis-
tances beyond 1000 AU can differ by more than an order of
magnitude.
The differences in extent of protoplanetary disks and the
initial variation in the rotational velocity profiles around the
sinks at larger radii raises the question to what extent these
two properties are connected. Considering that gas falls to-
wards the sink, potentially from larger distances, the specific
angular momentum at larger distances determines the rota-
tional structure of the accreting gas. The specific angular mo-
mentum within a spherical shell of 100 AU around the sinks
quickly increases during the first ∼5 kyr for sinks 4, 6 and 9,
as may be seen in the initial rise at the very left in the sec-
ond panel of Fig. 8. Below, we describe in more detail that
circumstellar disks quickly form around these sinks.
Similar to Frimann et al. (2016), we quantify the rotational
extent of the gas motion by investigating the angle α (Brinch
et al. 2007, 2008)
α = arctan
−〈vr〉
〈vφ〉 . (3)
Theoretically, the angle can vary between pi2 for pure infall and− pi2 for pure outward motion with a value close to 0 represent-
ing pure rotation. As shown by Frimann et al. (2016) it serves
as an adequate measure of the rotational support of the gas
around the sink, and thus as a valid first proxy of a possible
disk. In Fig. 9, we show the evolution of α within spheres
of radii of 50 AU, 100 AU, 300 AU and 1000 AU around
the sinks. The decrease of α with time for all of the sinks
shows that the relative amount of rotation increases for all
sinks during their evolution (although sink 7 has not evolved
long enough to show a clear decrease). However, just as with
the accretion profiles of the different sinks (see Fig. 6), the
curves evolve remarkably different.
We interpret low α values as an indicator for the early for-
mation of rotationally supported disks around these sinks.
The gas around the remaining sinks do not show such low
values. In particular the velocity profile around sink 7 is sig-
nificantly dominated by the infall of material, even after 100
kyr, with a α of more than 0.5. This indicates that no rotation-
ally supported disks have formed around them.
To illustrate the structure around the sinks in our study, we
show slices in the plane perpendicular to the mean angular
momentum vector at t = 50 kyr for sink 1, 4, 5, 6, 7 and
9 in Fig. 10. The images reveal the variety in disk forma-
tion for the different stellar environments, as already seen in
the evolution of α. Similarly to the images of the pre-stellar
cores (Fig. 3), the images show filamentary arms feeding the
forming protoplanetary disk. These filaments are not neces-
sarily aligned with the disk plane, but more often approach
the disk from various angles. Moreover, in agreement with
recent observations from ALMA and the Subaru Next Gen-
eration Adaptive Optics (HiCIAO) the disks show evidence
of large-scale features, such as spiral arms or inflowing gas
streams (Yen et al. 2014; Liu et al. 2016).
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3.4. Angular momentum transport
An important aspect in protoplanetary disk studies is how
the angular momentum is transported from the environment to
the star-disk system. To study the flow of angular momentum
we consider a cylindrical test volume with the height equal
to the diameter (h = 2R) and calculate the angular momen-
tum flux through the cylinder wall – the “radial direction” –
and through the top and bottom of the cylinder – the “vertical
direction”. We refer the reader to appendix for the detailed
9calculation. Three terms contribute to the transport of angular
momentum in the vertical and radial directions. The magnet-
ically induced transport is associated with the Maxwell stress
−B ⊗ B. In the vertical direction it is
FBv (R) =
∓
∫ R
0
dr
∫ 2pi
0
r dφ r
Bφ(r, φ,±h/2)Bz(r, φ,±h/2)
4pi
, (4)
while in the radial direction it is
FBr (R) = −
∫ h/2
−h/2
dz
∫ 2pi
0
R dφR
Bφ(R, φ, z)Br(R, φ, z)
4pi
. (5)
The mechanical flux of angular momentum is associated with
the Reynolds stress ρv ⊗ v. In the vertical directions it is
Fvv(R) =
±
∫ R
0
dr
∫ 2pi
0
r dφ r ρ vφ(r, φ,±h/2)vz(r, φ,±h/2) (6)
(where ± indicates the sings at top and bottom, respectively),
while in the radial direction it is
Fvr (R) =
∫ h/2
−h/2
dz
∫ 2pi
0
R dφR ρ vφ(R, φ, z)vr(R, φ, z) . (7)
Finally, we have the contribution associated with the gravi-
tational potential ∇Φ∇Φ, accounting for angular momentum
transport through spiral arms and similar non-axisymmetric
structures. In the vertical direction it is
Fgv (R) =
±
∫ R
0
dr
∫ 2pi
0
r dφ r
(∇Φ)φ(r, φ,±h/2)(∇φ)z(r, φ,±h/2)
4piG
,
(8)
while in the radial direction it is
Fgr (R) =∫ h/2
−h/2
dz
∫ 2pi
0
R dφR
(∇Φ)φ(R, φ, z)(∇Φ)r(R, φ, z)
4piG
. (9)
In contrast to Joos et al. (2012), we consider the total value
of the signed fluxes, rather than splitting each contribution
into negative and positive parts. In this manner, we average
out the natural spatial fluctuations induced by turbulence, and
obtain net fluxes (by definition positive in the outward direc-
tion).
We compute the fluxes of angular momentum within cylin-
ders of different radii (r = 28 AU, r = 80 AU, r = 128 AU
and r = 180 AU), with tops and bottoms at +h and −h, with
in one case h = r, and in another case h = 2r. Using these
cylindrical control volumes we compared the different contri-
butions relative to one another, and also compared their radial
and vertical components. In Fig. 11, we illustrate the time
evolution of the different components around sink 4.
As may be seen from Figures 11 and 12, angular mo-
mentum is — consistent with expectations — predominantly
transported inwards by the mechanical Reynolds flux, while
the gravitational acceleration and the magnetic Maxwell
stress generally account for transport in the outward direc-
tion. Transport induced by the magnetic stress is typically
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Figure 11. Evolution of the angular momentum flux for sink 4 at the sur-
faces of a cylinder of size h = 2R = 180 AU. Blue solid corresponds to the
magnetic component, green dots to the mechanical component, cyan dash-dot
to the gravitational component, and the black dotted line represents the total
flux.
stronger than the transport caused by gravity by a factor of
a few to several, though strong spiral arms can occasionally
cause enhancements of the gravitational component. Com-
paring the contributions in the radial and vertical directions
Fig. 12, we find that the strongest transport of angular mo-
mentum transport occurs in the vicinity of the disk midplane
in the radial direction, consistent with the fact that the fluc-
tuating radial component of the magnetic field, which tends
to outline trailing spirals, is strongest near the disk midplane.
The vertical Maxwell component is stronger at larger radii.
This indicates that angular momentum is not transported in
a narrow jet. However, this is a consequence of the resolu-
tion given that the minimum cell size of 2 AU is too coarse
to resolve the launching of narrow jets. The flux in the ra-
dial direction near the top and bottom is similar to the vertical
flux through the top and bottom, respectively. This indicates
that the angular momentum flux is oriented roughly at 45 de-
grees there. Another interesting aspect concerns the asymme-
try of the fluxes in the vertical direction. In contrast to ideal-
ized core-collapse setups without turbulence, but in line with
our results presented above, the angular momentum is trans-
ported heterogeneously. Even when averaging over periods
of a few ten thousand years — corresponding to about 100 or-
bital times at 50 AU — we clearly see that more angular mo-
mentum is transported on one side than the other. While the
resolution is insufficient to study outflows via jets and winds
quantitatively, these asymmetries are nevertheless consistent
with recent observations of asymmetric outflows (e. g. IRAS
03292+3039 (Tobin et al. 2015)). We interpret them as a nat-
ural consequence of the underlying filamentary and chaotic
nature of the large scale accretion flows.
3.5. Disk size evolution
An important quantity in understanding the disk evolution
around the different protostars is the time evolution of the disk
sizes. α is a good indicator of the relation of rotational to ra-
dial velocity, but early disks might already form, although the
gas has a strong radial velocity contribution. We thus estimate
the disk size in the following way. We first calculate the to-
tal angular momentum vector L100 inside a sphere of 100 AU
around the protostar. We then calculate the azimuthal velocity
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for all cells that are located inside a cylinder of 1000 AU in
radius, ±8 AU in height and with the radial direction being
perpendicular to L100. Afterwards we estimate an average az-
imuthal velocity vφ for all cells that are located between radii
r and r + dr. Altogether we consider 100 radial bins with
dr increasing exponentially with increasing radius. Finally,
we determine the disk size as the radius where vφ/vK (with
vK being the Kepler speed) drops below a threshold value a,
though we do not take into account velocities inside a distance
of 7 cells (14 AU) from the sink in order to avoid potentially
low rotational velocities that are induced by the sink parame-
ters. Theoretically, a thin rotating gaseous disk with the radial
structure described by power laws has azimuthal velocities
vφ = vK
1 − O (hr
)21/2 (10)
(Armitage 2007). The small deviation of the rotational speed
of the gas from the Kepler speed is induced by the decrease
of gas pressure with radius in the disk. For thin disks, we
thus expect vφ to be nearly equal to vK . However, considering
that early disks can be rather thick, and taking in to account
the violent accretion process from the outside, we relax the
lower velocity limit somewhat, and choose a threshold value
of a = 0.8. Based on this method, we plot in the upper panel
of Fig. 13 the evolution of the disk sizes rdisk during protostel-
lar evolution for the different protostars. In general, we can
see that the disk sizes increase during the evolution. How-
ever, similar to the time evolution of α, we see strong dif-
ferences among the different protostars. While some disks
extend to several hundred AU, others only extend to at most
a few tens of AU. This is in agreement with differing disk
sizes depending on the initial density profile in local core col-
lapse models (Machida et al. 2014). We find a significant time
variation in the disk size during the evolution, indicating that
disk formation is an intermittent process, such as expected
when accounting for turbulence. Part of this intermittency is
most probably the result of some of the disks being marginally
Toomre unstable, as discussed below, but this is of course ulti-
mately related to the time-variation and strength of mass infall
from the environment on to the disk. We expect this intermit-
tency to decline with time, when the infall rate decreases and
the replenishment time increases in the disks.
The differences are also reflected in the diversity of disk
masses for the different disks during their evolution. In or-
der to compare disk masses, we add up the mass of the cells
that are located within rdisk, within a maximum hr ratio of 0.2,
and within a maximum vertical distance from the mid plane
of h = 8 AU (middle panel in Fig. 13). We find that the disk
masses are highest (∼ 1 % M) around the sinks where α ap-
proaches 0 most quickly and remains close to α = 0 (sink 4
and 6). Moreover, we compare the disk masses with the mass
of the host sink in the bottom panel of Fig. 13. We notice
two trends. First, early disks tend to have large disk-to-stellar
mass ratios of up to ∼ 1, because of the short duration of
mass accretion by that time. Second, after about 50 kyr the
ratios vary between 0.1% and 10% for the stable disks in our
simulation. Such differences of three orders of magnitude in
disk-to-star ratios are remarkable and stress the influence of
the stellar environments on star-disk properties – even more
so, when accounting for the cases where disks do not even
form.
In order to constrain the surface density profiles around the
sinks, we compute the mass located in cylindrical shells of
size ∆r = 10 AU and h = 500AU in height with the vertical z-
axis being aligned with the total angular momentum vector in
a sphere of r = 100 AU. Afterwards we divide the massed by
the corresponding disk surfaces to estimate the column den-
sities. When looking at the surface density profiles around
the sinks after 50 kyr (Fig. 14), we find that the profiles of
the most evident disks (sink 4, sink 6 and sink 9), show a
dependence in-between Σ ∝ r−1 and Σ ∝ r−1.5, with a pro-
file closer to Σ ∝ r−1 in the inner part. The overall surface
densities of the two more massive disks (sink 4 and sink 6)
are larger by about a factor of two compared to the Minimum
Mass Solar Nebula (MMSN) (Weidenschilling 1977; Hayashi
1981). However, in the case of the weaker disk around sink
9, the surface density profile is 10 to 20 times lower than the
MMSN. According to our rotational velocity criterion, sink
8 also hosts a disk-like structure. Its surface density profile
is much flatter and more perturbed than for the other sinks.
However, we caution that the run around this sink was carried
out with lower resolution – a minimum cell size of 8 AU in-
stead of 2 AU. Also, even though the surface density profile
for the higher resolved disks are rather smooth, we stress that
abundant fluctuations (see Fig. 10) are by construction aver-
aged out in a radial profile.
Considering that the surface densities for two of our disks
are above MMSN values, we investigate whether the disks
are gravitationally unstable. To constrain that, we estimate
the azimuthally averaged Toomre parameter (Toomre 1964)
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as based on cylindrical shells of height 100 AU,
Q =
csΩ
piGΣ
, (11)
where cs is the sound speed, Ω is the orbital frequency and
G is the gravitational constant. For reasons of simplicity, we
assume perfect rotation inside the shell such that
Ω =
√
GM
r3
, (12)
where M is the mass of the sink and r is the radius of the shell.
We illustrate Toomre’s Q inside the disk around sink 6,
which is one of the two massive disks, during its evolution
in a contour plot (left panel of Fig. 15). We find that Q drops
below 1 at early times, but we stress that at such early times no
disk is present, and hence the Toomre criterion should not be
applied due to its dependence on the Keplerian orbital angular
velocity Ω. At later times, Q is larger than 1, but occasionally
very close to 1. If we applied more refinement and were able
to resolve the disk inside 2 AU, we might expect Q to be even
lower at some locations in the disk. However, considering
only the pure hydrodynamical Q parameter is an oversimpli-
fication. Instead we also have to take into account potential
magnetic support of the disk. In Fig. 15 is also shown the
magnetic Toomre parameter (Kim & Ostriker 2001)
Qmag =
√
(c2s + v2A)Ω
piGΣ
, (13)
where vA = B/
√
4piρ is the Alfvén-velocity. As for the sound
speed, we take the mass-weighted average value inside the
column for vA. The toroidal magnetic fields inside the disk
contribute to the pressure support of the disk, partly stabiliz-
ing it against gravitational collapse. As seen in the right panel
of Fig. 15, compared to Q, Qmag is generally slightly enhanced
in the disk, but still only marginally larger than 1 at some lo-
cations at times when a disk is present.
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6 at t = 50 kyr. A value of Q of about 1 or less means that the disk is gravitationally unstable.
Moreover, these values are spatially averaged, and there
may be denser clumps within the shell that lead to Q values
lower than 1, and thus to gravitational collapse inside the disk.
In Fig. 16 we show the distribution of both Q parameters in-
side the disk at t = 50 kyr around sink 6. Although we find
spiral structures with low Q values (left panel in Fig. 16), we
clearly see the additional support provided by the magnetic
field (right panel in Fig. 16) preventing collapse at least at this
point in time.
Nevertheless, the results show that Qmag can well be in the
marginal range. Taking into account non-ideal MHD effects
inside the disk may further reduce the magnetic field strength
and thus the magnetic disk support. Several works investi-
gated the effects of non-ideal MHD in idealized symmetrical
disks in detail (e.g Lesur et al. 2014; Gressel et al. 2015; Bai
2015). The importance of non-ideal effects remains to be in-
vestigated for our disks. For computational reasons, we leave
both tasks, the study of disks with higher resolution as well as
the investigation of non-ideal MHD effects to future work, but
already at this point we can conclude that some stars may host
disks that become massive enough to be gravitational unsta-
ble, in particular in the early embedded phase of the evolution.
3.6. Mass-to-flux ratio
An often considered quantity in analytical and numerical
core-collapse models is the ratio between mass and magnetic
flux threading a sphere of uniform density, in short the mass-
to-flux ratio (e.g. Allen et al. 2003; Hennebelle & Fromang
2008). It is commonly given as
µ =
Mcore
Φcore
/
( M
Φ
)
crit
=
Mcore∫
A B⊥dA
/
(
0.13√
G
)
, (14)
with Mcore being the mass enclosed in the core, Φcore the mag-
netic flux through the sphere with cross section A,
(
M
Φ
)
crit
the
critical mass-to-flux ratio (Mouschovias & Spitzer 1976), and
with G being the gravitational constant. However, as shown
above, stars do not form from pre-stellar cores of uniform den-
sity. Instead, the cores are significantly distorted, with feeding
filaments such as seen in Fig. 3. Therefore, the assumption of
an isolated spherical core as the initial condition for modeling
13
star formation is an oversimplification. Accounting for these
asymmetries also shows the difficulty of the concept of an ini-
tial mass-to-flux ratio. For cores that are highly distorted and
continuously fed by accreting filaments the mass budget is not
fixed, and hence a changing mass-to-flux ratio does not nec-
essarily imply diffusion of mass relative to the magnetic field.
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Figure 17. Radial profile of mass-to-flux ratio at t = 0 kyr for the different
protostars. The lines belong to the same sinks as in Fig. 4.
Nevertheless, we estimate a proxy of the mass-to-flux ra-
tio to compare the relative magnetization around the different
sinks at the time of their creation, and to investigate how they
might influence the formation of disks and their properties(see
Fig. 17). We compute the mass-to-flux ratio according to eq.
14 at different distances and t = 0 by accounting for all the
mass within the given distance from the forming sink and by
integrating over the absolute magnetic flux through the spher-
ical test surface. The plot shows a general trend of decreasing
mass-to-flux ratio with increasing radius. This correlation is
caused by the fact that gravitational collapse already started at
t = 0, with the effect that mass already has piled up close to
the center of the collapsing core. We are aware that the imple-
mentation of accretion onto sink particles causes diffusion of
mass across field lines, deviating from the assumption of ideal
MHD. Therefore, we plot the mass-to-flux ratios at t ≈ 0,
when the sink mass is almost zero and the diffusion effect is
negligible. We point out that one cannot avoid some magnetic
diffusion in numerical MHD simulations, but that the mag-
netic diffusivity is certainly underestimated in our case, com-
pared to models that explicitly account for non-ideal MHD
effects. Considering the mass-to-flux ratios only on scales of
the pre-stellar core in the range of 103 to 104 AU, we find su-
percritical mass-to-flux ratios that lie in the range between ≈ 2
and ≈ 10, in agreement with observations (Falgarone et al.
2008; Girart et al. 2009; Beuther et al. 2010). With respect
to disk formation, we find that mass-to-flux ratios at a few
to several AU distances are largest around sink 6 and sink 8,
which also are the sinks that show the most significant disk
formation. This sounds intuitively reasonable, given that a
higher-mass-to flux ratio implies less magnetic field strength
and therefore potentially weaker magnetic braking. However,
the mass-to-flux-ratios around sink 4 and sink 9 are in con-
trast the lowest, but as seen in Fig. 13, disks form around both
sinks. We interpret this result to mean that a spherical mass-
to-flux ratios is not a very precise proxy for the formation of
disks from pre-stellar cores, due to the effects of turbulent mo-
tions. As discussed above, the pre-stellar-cores are not spheri-
cal in shape, and apparently the differences in the distribution
of specific angular momentum inside the cores has a stronger
effect on disk formation than the mass-to-flux ratios.
3.7. Angular momentum and magnetic field misalignment
The fact that the Sun contains more than 99.9 % of the
mass in the solar system, but less than 1 % of the total an-
gular momentum of the entire system has been one of the ma-
jor puzzles in models of solar system formation and thus of
star formation in general. In classical core collapse models
of star formation, it was thus suggested that angular momen-
tum can be efficiently transported by magnetic fields through
magnetic braking. However, studies and simulations of mag-
netized spherical core collapse revealed that this mechanism
is in fact effective enough to suppress the formation of cir-
cumstellar disks altogether. One mechanism that could help
prevent the so called ‘magnetic braking catastrophe’ is am-
bipolar diffusion, as suggested by Mouschovias (1977). How-
ever, more detailed studies by Mellon & Li (2009) and Li et al.
(2011) showed that ambipolar diffusion will rather cause a
strong magnetic field at small circumstellar radii leading to
efficient accretion shocks.
Another suggestion of how to reduce the effect of mag-
netic braking is changing the angle between the total angular
momentum vector and the total magnetic field vector of the
collapsing core. Theoretical analysis indicated that magnetic
braking is most efficient when the angular momentum and the
magnetic field vectors are perpendicular, and comparatively
weaker for a parallel configuration (Mouschovias & Paleolo-
gou 1979). More recent results (Joos et al. 2012; Krumholz
et al. 2013) confirmed the fundamental idea that disk forma-
tion can be suppressed for certain angles, but in contrast to the
theoretical prediction by Mouschovias & Paleologou (1979),
found that magnetic braking acts strongest in case of a parallel
alignment of the two vectors and weakest in a perpendicular
configuration. As pointed out by Joos et al. (2012), the reason
is that magnetic field lines are dragged towards the center of
the collapse, such that an initial parallel field develops sec-
tions that are nearly perpendicular to the angular momentum
vector, that act as efficient “lever arms”. Simulations of the
collapse of spherical magnetized cores including the effect of
turbulence by Seifried et al. (2013) also showed that circum-
stellar disks can form around young protostars without relying
on increased magnetic diffusion due to the non-ideal MHD
effects. Although they generally agree with the result that a
misalignment of the magnetic field with respect to the angular
momentum vector facilitates disk formation, their conclusion
is that this misalignment is rather the consequence of a more
fundamental quantity present in GMCs, namely turbulence.
In our zoom simulations, we have the unique possibility to
investigate the angular momentum transport in a consistent
setup, rather than imposing ad hoc conditions on idealized
core collapse models.
In Fig. 18 we show the evolution of the angle between the
angular momentum vector and the total magnetic field orien-
tation within a radial distance of 100 AU from the sinks. The
plot illustrates the significant fluctuations of the angle around
all sinks during their evolution, and thus we conclude that in
the early phases of protostellar evolution, where the major-
ity of the protostar is assembled, the relative orientation of
the two quantities is highly dominated by the underlying tur-
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bulence, and reflects the infall of gas clumps from different
locations and with different angular momentum. We also see
that in the case of sinks that quickly evolve a strong rotation-
ally supported circumstellar velocity profile, the angle typi-
cally varies around 90 degrees with ± ≈ 50 degrees during
the formation period.
In some cases, the angle between the angular momentum
vector and magnetic-field vector can still vary significantly
even during late phases, such as seen for sink 8 around 60
kyr. This particular change from an angle of about 20 degrees
to nearly 180 degrees is most probably related to the peak in
the accretion profile shortly after 60 kyr. Considering that the
rise in the accretion profile is caused by an infalling clump
of mass, it is not surprising that this clump can account for a
significant shift in the alignment between magnetic field and
angular momentum. Comparing the angle between the total
angular momentum vector and the total magnetic field vector
of the gas around sinks with α, does not show a clear corre-
lation between the level of rotation and the angle between the
mean magnetic field vector and the total angular momentum
vector, indicating that in realistic situations it is an oversim-
plification to focus on alignment / misalignment.
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Figure 18. Evolution of the angle between total angular momentum vector
and total magnetic field direction within a sphere of 100 AU around the eight
different sinks. The symbols belong to the same sinks as in Fig. 5.
3.8. Replenishment time
To improve our understanding of the dynamics around the
sink, we plot where the mass that is located within a radial dis-
tance of 100 AU from the sink and that has not accreted onto
the sink, was located at the time of stellar birth Fig. 19. One
can see that for increasing times the gas stems from regions
that were initially further away from the sink, consistent with
the classical model of inside-out collapse. However, com-
paring the different sinks at similar late times, a fraction of
the gas may stem from very different distances (e.g. less than
5000 AU for sink 1, but beyond 104 AU for sink 10). We inter-
pret this as a sign of spatial variations of the pre-stellar cores
and particularly as evidence of infall through large-scale fila-
ments feeding the cores. Looking closer at the individual pro-
files, the origin of the gas around sink 6 is striking. Initially, it
shows the same trend of an increasing original distance with
increasing time, but when comparing t=50 kyr with t=100 kyr,
almost no difference can be seen except for a lower mass con-
tribution from the gas that was initially closely located to the
sink. This feature may be caused by the fact that the gas or-
bits inside the disk for a long time without any addition of
new gas. However, recalling the significant accretion rates of
more than 10−6 Myr−1in the early phases of star formation
(Fig. 6), and the substantial disk masses around some of the
protostars (and of sink 6 in particular), indicates that the gas
inside the protoplanetary disk gets replenished rather quickly.
To illustrate the short replenishment time, we plot in Fig. 20
the fraction of tracer particles that are located within 100 AU
from the sink at t=50 kyr during the evolution of the stellar
surrounding. For the sinks that show no or only weak signs
of disks, the tracer particles move rapidly in radial direction
as indicated by the sharp peak in the plot. The sinks with
stronger signs of disks show broader peaks, but even in the
case of the strongest disk (sink 6, magenta line), most of the
gas only remains in that region for at most a few ten thousand
years. This is in approximate agreement with the expected
replenishment times of the disks defined as
trepl =
mdisk
m˙accr
. (15)
3.9. Impact on Planet formation
We have shown that circumstellar disks form at different
times after stellar birth. In some cases disks of significant
size already form less than a few ten thousand years after stel-
lar birth, while in other cases they have not formed within
the first 100 kyr. Assuming that these disks are indeed pro-
toplanetary disks, the difference in disk formation times sug-
gests that planet formation may occur at significantly different
times after protostellar birth.
Current models of planet formation assume power-law pro-
files for disk properties that depend on radius and height. Mo-
tivated by the MMSN assumption, these power-laws are time
independent. However, as shown in this study and in pre-
vious works, as well as in agreement with observations (To-
bin et al. 2015), protoplanetary disks may extend to radii of
a few to several tens of AU already in the early phase of pro-
tostellar evolution. Together with observations of gaps in the
dust distribution of disks that are younger than 1 Myr (HL
Tau) (Maury et al. 2014; ALMA Partnership et al. 2015) and
commonly assumed average disk ages of about 2 Myr (for
a critical analysis of potential underestimating disk ages due
to selection biases please refer to Pfalzner et al. (2014)), this
raises the question whether planet formation already happens
in the first few Myr, perhaps starting already in the first few
100 kyr after protostellar formation. At this stage, material
moves rapidly in the radial direction through the disk and the
protoplanetary disks might still be fed with new material as
discussed above. Therefore, the assumption of the disk mass
as the mass reservoir for planet formation may be an oversim-
plification. Instead, the mass reservoir for planet formation
might in practice be significantly larger, even for low disk
masses, when accounting for the effects of rapid radial mo-
tions inside the disks as well as external infall onto the disk.
Hence, we emphasize that planets may have a much larger
mass reservoir, when properly accounting for all the mass that
travels through the protoplanetary disk during the period of
planet formation.
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Figure 19. Distribution of where the gas that has accreted onto the different sinks was located after times indicated in the legends at t=0 kyr. The panels show
from left to right and top to bottom the distribution for sink 1, 3, 4, 5, 6, 7, 8 and 9.
4. CONCLUSIONS
In this study, we investigated the first ∼ 100 kyr of pro-
tostellar formation and evolution with 2 AU minimum cell
size in nine cases, where 1-2 solar mass stars (sink particles)
formed when the minimum cell size was 126 AU. Accounting
for the physical environments in which the stars were embed-
ded, we found that the accretion process onto protostars is
heterogeneous in multiple ways, namely
1. in time,
2. in space,
3. among protostars.
Accretion is heterogeneous in time, in the sense that accre-
tion rate time profiles vary significantly. Initially, accretion
rates are of the order of 10−5 M/yr to 10−4 M/yr, and gen-
erally decrease during the subsequent evolution. However,
the protostars in our simulations sometimes underwent peri-
ods of increased accretion, in which the accretion rates were
enhanced by factors of a few to several. We saw evidence
for event amplitudes increasing with increasing spatial reso-
lution, and we note that event maxima may be missed unless
the snapshot cadence is correspondingly increased.
Accretion is heterogeneous in space, in the sense that
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Figure 20. The number of tracer particles located within 100 AU distance
from the sink at t=50 kyr,compared to number of particles within 100 AU.
Blue corresponds to sink 1, green to sink 3, red to sink 4, cyan to sink 5,
magenta to sink 6, yellow to sink 7, black to sink 8 and blue dashed to sink 9.
mass accretion onto the star-disk system is filamentary, acting
through accretion channels and accretion sheets, rather than
in the form of a smooth, space-filling infall of mass.
Last, the accretion processes differ among protostars, both
quantitatively and qualitatively, dependent on physical prop-
erties such as density, magnetization, and the strength of tur-
bulence. These properties are typically determined by the dy-
namics of the environment on length scales similar to or larger
than ∼ 104 AU; i.e., on scales that characterize the dynamical
fluctuations in the general turbulence of the GMC.
We thus conclude that the diversity in the large-scale stellar
environment profoundly influences the formation and evolu-
tion of protoplanetary disks. If the magnetization of the sur-
rounding gas is not too large, protoplanetary disks can form
as early as a few thousand years after star formation. In cases
where the magnetization of the collapsing gas is sufficiently
large (low mass-to-flux ratios), no disk of more than a few
AU in size may form around the star. We suggest that the
main reason why the magnetic braking catastrophe is avoided
in many cases is the reduction of magnetic braking caused by
turbulence (cf. also Seifried et al. 2013). The fact that pro-
toplanetary disks form in our simulations, even though we do
not account for non-ideal MHD effects, suggests that either
non-ideal MHD effects are not important in situations with
realistic turbulence, or disks form even more frequently than
seen in our study. Limited numerical resolution (cf. the Ap-
pendix) is not likely to play a significant role, since accretion
rates and frequencies of disk formation were similar in early
versions of these zoom simulations, where the number of cells
per Jeans’ length was significantly smaller (Nordlund et al.
2014).
We also studied the setting of parameters in our sink particle
recipe. On the one hand the average mass accretion profiles of
the sinks are rather robust to a broad range of settings, but on
the other hand changes in the settings can have significant ef-
fects on the exact conditions under which protoplanetary disks
form. Choosing settings that favor disk formation has the side
effect that massive clumps of gas may accrete onto the sink
once in a while, thus causing periods with significant accre-
tion bursts. We thus conclude that, at least when the accretion
process is modeled with transition from flows to sink particles
occurring at scales of a few AU, there is a significant uncer-
tainty from parameter dependencies. However, these uncer-
tainties do not change the overall physical conclusion, that
the outcome of star and disk formation strongly depends on
the pre-stellar environment.
We conclude that protoplanetary disk formation is a ubiq-
uitous process in GMCs, with rotationally supported disks
forming due to the specific angular momentum of the collaps-
ing gas, even though the process is counteracted by magnetic
braking. An important factor ensuring that the formation of
disks is not entirely suppressed is the presence of turbulence
(in both flows and magnetic fields) inherited from the large-
scale dynamics.
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APPENDIX
REFINEMENT AND SINK ACCRETION PARAMETERS
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Figure 21. Left panel: the geometrical refinement ladder. Blue shows the ladder around sink 1, sink 2, and sink 6 after t = 30 kyr and for the evolution around
sink 7 after t = 18 kyr. Green dashed corresponds to the ladder around sink 3 and 9, red dash-dot around sink 4, cyan dot-dot illustrates the initial ladder around
sink 5 until t = 30 kyr and the yellow solid line corresponds to the initial ladder around sink 7 until t = 18 kyr. Right panel: refinement ladders for the gas around
the different sinks at different periods. In Fig. 2 we show at what times the setting was changed. The red dotted line corresponds to the initial density threshold
for refinement for sink 4, until its first change. The cyan dashed line corresponds to the second period for sink 4, the green dashed line corresponds to the ladder
during third period for sink 4 and the initial ladder for the other sinks, red dashed-dotted line corresponds to the fourth period of sink 4 and the second period for
sink 5, 6, 7, 8 and 9, cyan dot-dot shows the third period for sink 1, 5, 6, 7 and 9, magenta dot-dot corresponds to the fourth period for sink 1, 7 and 9, yellow
solid to the fifth period for sink 1 and black dashed to the final period for sink 1.
To limit the computational costs only to the regions of interest, we apply geometrical refinement in our zoom-runs, where a
cell is only allowed to be resolved to a location-dependent maximum level of ` =l_max(r). We then mark cells for refinement if
they exceed level-dependent threshold values for one of the refinement criteria, such as number of cells per Jeans’ length, steep
gradients in velocity, magnetic field magnitude, gas density, or gas pressure. The maximum allowed refinement level decreases
with increasing distance from the protostar according to a refinement ladder (as shown in the left panel of Fig. 21). Such a
limitation on the refinement (referred to as ‘geometrical refinement’ in the ramses user guide) is thus only a necessary, but not a
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sufficient condition for cells to be refined. Our most important sufficient condition for refinement is the density (Jeans’ length)
criterion. A cell is marked for refinement to a certain level if the density exceeds a level dependent threshold value. We illustrate
the chosen refinement ladders for the different runs in the right hand side panel of Fig. 21.
With respect to density gradients, cells are generally refined if the difference between neighboring cells exceeds a factor of
20. However, this only applies up to level of 20, and steeper density gradients are allowed for cells above level 20. Similarly,
refinement is triggered by gradients in the speed and the magnetic field strength. We have found that refining on gradients helps
in maintaining waves and features in the flow, and in resolving shocks, in particular in the vicinity of the protostars. In Table 2 the
parameters for refinement due to gradients in velocity and magnetic field strength in the different runs are listed. The first column
shows the number of the sink. The second column indicates the maximum level at which cells are refined based on gradients in
the velocity. The value in parentheses indicates the time in kyr after sink creation at which the maximum level was increased
from 20 to 22. Refinement is triggered when the relative velocity gradient differs by more than a factor of f = 5 compared to the
sound speed using the following inequality to trigger refinement∑
i∈x,y,z
max
2
∣∣∣v+i − v0i ∣∣∣
c+s + c
0
s
,
2
∣∣∣v−i − v0i ∣∣∣
c−s + c0s
2 > f 2 , (A1)
where cs is the sound speed, and −, 0,+ indicates cells at −1, 0,+1 cells distance from the center cell. The third column indicates
whether cells are selected for refinement if the magnetic field strength between neighboring cells differs by more than a factor of
3. We point out that although these settings differ slightly between runs, their effect is only minor. The most important criterion
for refinement is the density.
# of
sink l_umax ∆Blim c_B
1a 22 No 100
2 22 No 100(9)
3 22 Yes 100
4 22 Yes 100
5 20 No No
6 20 No 100(7)
7 22(16) No 100(29)
8 22 Yes 100
9 22 Yes 100
Table 2
Overview of the refinement parameters for the nine sinks selected for zoom-in. First column: number of sink, second column: maximum level where refinement
based on the speed gradient is applied, third column: if refinement based on gradient of magnetic field is activated fourth column: value of the fast magnetosonic
speed at which the code starts using the LLF solver instead of the HLLD solver [km s−1]. The number in parentheses in column two and four indicates the time
after sink creation in kyr at which the value is changed.
Besides the different refinement criteria, the remaining numerical parameter that is different in the runs is listed in the fourth
column: it is the threshold value of the fast magnetosonic velocity at which the code switches from the HLLD solver to a
more diffusive LLF (Lax-Friedrichs) solver. This is to avoid developing exceedingly large magnetosonic speeds in otherwise
uninteresting places, which has aggravating effects on the time step.
SINK PARAMETER COMPARISON
To assess the robustness of our results we investigate the impact on the accretion process of setting different parameters in our
sink particle model. To do this, we carried out a parameter study with the sink settings given in Table 3, for zoom simulations
around sink 1. The table provides an overview of the parameters that are important for accretion onto the sink. The third column
displays the density limit that has to be exceeded by a cell in order to accrete mass onto the sink. Column four gives the radius in
cells inside which mass is allowed to be accreted onto the sink r_acc. In the fifth column, we give the accretion rate acc_rate
from a cell onto the sink. acc_rate is a prefactor, which is related to the assumed angle between the angular motion and the
radial motion of the gas very close to the sink, so that the amount of mass removed becomes proportional to acc_rate ρvK , where
vK is the Keplerian speed. The sixth column gives the fraction of the accreting mass that is added to the sink. The remaining mass
is removed from the box, to mimic the mass lost in outflows. According to observations – in particular the core mass function
to initial mass function correspondence – between half and two thirds of the envelope mass is lost in the outflows (Watson et al.
2016). With a 2 AU cell resolution, we already account for some of the mass loss in winds and due to envelope mass that is
entrained in the wind, but it is non-trivial to measure how much. We therefore experiment with setting the accreted fraction to
both 50% and 100%, to gauge the importance.
We started each run from shortly before the time of sink formation on level 22 and evolved the runs for up to 100 kyr. In the
left panel of Fig. 22 we illustrate the accretion profiles of the different runs. In run 1a (blue dots), the accretion rate quickly
increases to its maximum accretion rate of several 10−5 Myr−1 at the very beginning of the accretion process. Afterwards, the
accretion rate drops more or less continuously — with a small shoulder around 20 kyr — to an accretion rate of 10−7 Myr−1. In
run 1b (red triangles), we apply the same setting except for increasing acc_eff from 50 % to 100 %. The overall characteristic
of a steep initial increase followed by a continuous relaxation is the same. As expected, the higher accretion efficiency parameter
causes a higher accretion rate during the evolution. In run 1c (cyan squares), we decreased acc_rate to 10−3 and used otherwise
identical setting as for 1b. The differences are very subtle, showing that lowering the instantaneous accretion rate just lets the sink
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particle accrete more slowly or across more cells, even though sometimes the lower rate results in a significant pileup. Run 1c
shows stronger fluctuations than 1a, including episodes of accretion bursts, while generally following accretion rates of similar
strength as 1b. In run 1d (magenta asterisks), we decreased r_acc to 7.5 cells, with other parameters the same as in 1c. Similar
to 1c, the accretion rate shows fluctuations of up to a factor of 2. The fluctuations – especially at later times – do not overlap with
the ones in 1c, and seem to be somewhat stronger. In run 1e (yellow pluses), we increased rho_fr from 10−4 to 10−1 with respect
to 1d and find a profile that shows a more smooth evolution. In run 1f (green circles), we decrease r_acc to 4 cells, with other
parameters as in 1e. We again find fluctuations in the accretion of mass onto the sink. Moreover, we see a striking difference, in
that the accretion profile drops steeper after about 30 kyr than seen for the other sinks with acc_eff = 1. After about 50 kyr and
apart from the significant fluctuations, the strength of the accretion rate is close to the accretion rate for the run with acc_eff
= 0.5 (1a). Finally, we carry out a comparison run 1g, with the same settings as in 1f, but with acc_eff = 0.5 (black crosses).
We find that the profile is very similar to run 1a (both in absolute accretion rate and in the shape of the profile) for about the first
30 kyr and then shows stronger fluctuations. Run 1g does not show the significant drop in the accretion rate that was seen in 1f.
The most striking difference is the effect of the efficiency parameter, which separates the accretion profiles in two groups.
The sinks that accumulate 100 % of the mass selected in their surroundings (1b to 1f) show higher mass accretion rates than in
the case where 50% of that mass is removed from the box (run 1a and run 1g). Generally, the profiles then evolve in a similar
manner, with some smaller fluctuations and more or less strongly evolved brief burst periods (e.g. run 1e at about t = 50 kyr)
until the end of the simulation. However, there is one particular exception (run 1f), which evolves in a similar fashion as the other
runs with acc_eff = 100% until about t = 35 kyr before the accretion rate drops more steeply until at about t = 50 kyr, and
finally follows more the evolution of the sinks with low acc_eff, though with significantly stronger bursts than run 1a. Both
the stronger amount of fluctuations in the accretion profiles and the fall-off of run 1f can be understood by studying the velocity
profiles around the sinks.
In the right panel of Fig. 22, we illustrate the evolution of α for the different sinks and find that for some settings a significant
rotational gas motion evolves, whereas the velocity profile for other settings is mostly infall dominated during the entire evolution.
The accretion profile of run 1a evolves rather smoothly and calmly, because there is no sign of significant disk formation for this
setting of the sink parameters. The sinks with a surrounding disks show more intermittent accretion profiles, because clumps of
mass rotating in the disk may eventually fall into the sink. Furthermore, the drop-off in the accretion profile in run 1f coincides
with the drop in α, and thus with the formation of a disk. The fact that a disk starts to form means that infalling mass does not
accrete directly onto the star, but starts to build up a disk first. Therefore, the accretion profile drops more significantly compared
to the runs where no disk or only a weak disk forms. We interpret the fact that disk formation occurs more strongly for high
acc_eff as a direct consequence of the deeper gravitational potential induced by the more massive sinks.
# of
sink c_B acc_lim r_acc acc_rate acc_eff
1a 100 1.7 × 10−19 22.5 10−2 0.5
1b 100 1.7 × 10−19 22.5 10−2 1.0
1c 100 1.7 × 10−19 22.5 10−3 1.0
1d 100 1.7 × 10−19 7.5 10−3 1.0
1e 100 1.7 × 10−16 7.5 10−3 1.0
1f 200 1.7 × 10−16 4 10−3 1.0
1g 100 1.7 × 10−16 4 10−3 0.5
Table 3
Overview of the seven different settings for the study of the sink parameters. All simulations were run with refinement based on density, gradients in density,
and gradients in velocity at all levels of refinement. First column: number of sink, second column: value of the fast magnetosonic speed at which the code starts
using the LLF solver instead of the HLLD solver [km s−1], third column: limit above which gas is considered for accretion [g cm−3], fourth column: radius
inside which gas is considered for accretion measured in cell widths at highest level, fifth column: fraction of mass that is accreted, sixth column: fraction of the
accreted mass that is added to the sink (to account for outflows).
From the results we conclude that the general profile of the sink accretion is robust to variations of the sink parameter settings
over longer time scales. However, changes (particularly of acc_eff) affect the disk formation process, and therefore also the
accretion process on small time-scales. If the sink forms a circumstellar disk, the sink accretes mass in occasional bursts, causing a
more intermittent accretion profile but affecting the long-term accretion profile only modestly. The parameter study illustrates the
difficulties in choosing physically correct parameter settings. We selected the settings from run 1a, which shows the weakest sign
of disk formation for the zoom-in simulations, for the sinks that formed on highest level of refinement. This was a conservative
choice in terms of determining the efficiency of disk formation, because choosing a higher accretion efficiency increases the
probability of disk formation. Therefore, the frequency of disk formation we find is likely to be a lower limit, and would have
been higher if we had chosen settings more favorable for disk formation.
In comparison to effects due to the choice of sink particle parameters, limited numerical resolution is not likely to play a
significant role, since accretion rates and frequencies of disk formation were largely similar in early versions of these zoom
simulations, where the number of cells per Jeans’ length was significantly smaller (Nordlund et al. 2014).
ANGULAR MOMENTUM CONSERVATION
Here we summarize how the change in angular momentum in a volume is related to flux densities through the surface of the
volume. Our derivation is similar to that given in Joos et al. (2012), but more compact, since we use a conservative formulation of
the Euler equation. It is also coordinate independent, and contains pressure terms, which canceled out for the specific geometry
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Figure 22. Accretion profile (left) and α = arctan −〈vr〉〈vφ〉 within 50 AU (right) for the zoom-ins with different sink settings of sink 1, from t=0 until 60 to 100 kyr
after sink creation, with the settings given in Table 3, with maximum resolution of 2 AU, and with output cadence of 200 to 400 yrs. Blue dots corresponds to
run 1a, red triangles to run 1b, cyan squares to run 1c, magenta asterisks to sink 1d, yellow pluses to run 1e, green circles to run 1f and black crosses to run 1g.
of the volume and angular momentum component considered by Joos et al. (2012).
The Euler equation in conserved form may be written
∂ρv
∂t
= −∇ ·
[
ρv ⊗ v − 1
4pi
B ⊗ B + 1
4piG
∇Φ ⊗ ∇Φ
]
− ∇Ptot , (C1)
where the total pressure is
Ptot = P +
B2
8pi
+
(∇Φ)2
8piG
(C2)
and we have used a conserved formulation of the gravitational force (Jiang et al. 2013). The total angular momentum inside a
volume with surface S is
L =
∫
r × ρv dV (C3)
The time evolution of the total angular momentum can be calculated by integrating the time evolution of the angular momentum
density l = r × ρv, which is directly related to the Euler equation. To transform from ρv to l we use the tensor identity
r × ∇ · (X ⊗ Y) = i jkr j∂l [XlYk] ei
= ∂l
[
Xli jkr jYk
]
ei − i jkX jYkei (C4)
= ∇ · [X ⊗ (r × Y)] − X × Y ,
where we have written it out in component form too (using the Einstein summation convention), to explicitly specify which tensor
index the divergence applies to. The flux terms in the Euler equation are all symmetric tensors, and as a consequence the last
term in Eq. (C4) disappears, leaving a pure divergence. The pressure term may be written
r × ∇Ptot = −∇ × (Ptotr) (C5)
Transforming the volume integral into surface integrals we find the time evolution of the total angular momentum expressed as a
function of the flux through the surface
dL
dt
= −
∫
S
(r × ρv)(v · n) − 1
4pi
(r × B)(B · n) + 1
4piG
(r × ∇Φ)(∇Φ · n) dA −
∫
S
Ptot r × ndA , (C6)
where n is the normal vector to the surface element dA.
If our control volume is a sphere, the pressure term disappears, since n = er. By rotational symmetry this is also the case
for the x- and y-component. In the case where the control volume is a cylinder the pressure term also disappears, but only for
the z-component of the angular momentum. If instead a cubical test volume is used, the pressure term has to be included when
computing the time derivative of any component of the angular momentum.
In cylindrical coordinates, the change in the z-component of the angular momentum may be split up in a contribution from the
cylinder wall, assumed to be at r = R, and contributions from the top and bottom layer at z = ±h/2. The contribution from the
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cylinder wall is
dLz
dt
∣∣∣∣∣
cyl,r
= −
∫ h/2
−h/2
dz
∫ 2pi
0
R dφR
[
ρvφvr − 14piBφBr +
1
4piG
(∇Φ)φ(∇Φ)r
]
, (C7)
where all variables are evaluated at the fixed radius R. The contributions from the top or bottom layer at fixed height ±h/2 are
dLz
dt
∣∣∣∣∣
cyl,top/bot
= ∓
∫ R
0
dr
∫ 2pi
0
r dφ r
[
ρvφvz − 14piBφBz +
1
4piG
(∇Φ)φ(∇Φ)z
]
, (C8)
where the sign differs according to if it is top or bottom layer respectively that is calculated.
In spherical coordinates the z-component of the angular momentum may be written
dLz
dt
∣∣∣∣∣
sph
= −
∫ pi
0
R dθ
∫ 2pi
0
R sin θ dφR sin θ
[
ρvφvr − 14piBφBr +
1
4piG
(∇Φ)φ(∇Φ)r
]
, (C9)
where all variables are evaluated at the fixed radius R and the coordinates are (r, φ, θ), with θ being the polar angle.
GRID ALIGNMENT
Given the turbulent motions in the GMC, the mean angular momentum vector of the collapsing core is expected to be randomly
oriented with respect to the grid in our simulation. Fig. 23 shows the orientation of the mean angular momentum vector calculated
within a sphere of 100 AU radius around the sinks during the evolution of the zoom runs. At t=0, we find a variation of different
orientations of the mean angular momentum vector as expected from the underlying turbulence. However, with evolving time
we see a tendency of alignment of the mean angular momentum vector with one of the coordinate axis for the runs that formed
protoplanetary disks. This alignment is caused by numerical effects in our grid code ramses as pointed out by Hopkins (2015).
Certainly the presence of grid alignment makes a detailed study of the disk dynamics challenging. The artificially aligned disk
may induce additional torques on infalling gas and in this way enhance (or suppress) the rotational support of a disk. Previous
local core collapse studies in grid codes circumvented this problem by aligning the rotational axis of the gas motion with one of
the coordinate axes.
We point out that the problem of grid alignment is a fundamental one, likely affecting also simulations that are carried out with
other grid codes. Fortunately, grid alignment can in principle be avoided. The tendency of alignment is induced by calculating
the velocity components at the center of cell surfaces with 1D- or 2D-Riemann solvers. This combination favors the momentum
contribution along the coordinate axes. A uniformly applied higher resolution may reduce this effect sufficiently, although this
would be computationally expensive and it would not address the core of the problem. Applying a method where the stress terms
are explicitly represented by a symmetric tensor would likely reduce this problem significantly, as would an implementation of a
fully three-dimensional Riemann solver (Balsara 2015).
Nevertheless, we are confident about the statistical differences induced by the variable stellar environments. Numerical effects
may influence the outcome of our runs to some degree, but the detected differences in the accretion and protoplanetary disk
formation process are too large to be solely explained by numerical effects, whereas they are in line with the ’inherited’ variations
from the stellar environments.
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Figure 23. Evolution of the angle between the total angular momentum vector of the gas within 100 AU from the sink and the three coordinate-axes (left panel:
x-axis, middle panel: y-axis, right panel: z-axis). The symbols belong to the same sinks as in Fig. 5.
